We study the linear and nonlinear properties of the evolution of emerging magnetic flux from the solar convection zone into the photosphere, chromosphere, and corona. An isolated flux sheet (^400 km thick) initially embedded in a simple model convection zone ( ~ 1000-2000 km thick) below a model solar atmosphere is susceptible to both convective instability and the Parker instability (the undular mode of the magnetic buoyancy instability). In the first portion of the paper, we perform a linear stability analysis of the partially magnetized convection zone. We find that the growth rate of this combined convective-Parker instability differs significantly from that of the Parker instability in the absence of convection. When ß( =p g /p m ) > 10 in the initial flux sheet, the growth rate increases with horizontal wavenumber, and there is no maximum growth rate. A local maximum, however, can occur when the flux is initially located near the top of the convection zone. When ß < 10, the convective-Parker instability behaves like the Parker instability for long-wavelength modes, and like the convective instability for short-wavelength modes.
prototype for magnetic activity occurring in stars ( e.g., Rosner, Golub, & Vaiana 1985) , gaseous disks of galaxies (e.g., Zweibel 1987; Matsumoto et al. 1988 Matsumoto et al. , 1990 , and accretion disks (e.g., Kato & Horiuchi 1986 ). In spite of their importance, the structure and dynamics of EFRs have not yet been fully understood.
One of the major issues in EFR research is to clarify how magnetic flux rises from the convection zone into the solar atmosphere. Recently, Shibata et al. ( 1989a, b) initiated a program of numerical simulations aimed at elucidating this flux emergence process. In the initial step, Shibata et al. developed a two-dimensional magnetohydrodynamic (MHD) model of emerging flux in a convectively stably stratified atmosphere (e.g., the photosphere) by performing time-dependent, nonlinear numerical simulations. They found that a model horizontal magnetic flux initially located at the bottom of the photosphere is unstable to the undular instability, also known as the Parker instability (Parker 1966 ; see also the review by Hughes & Proctor 1988) , and that the instability generates an upward-expanding magnetic loop which rises through the chromosphere into the corona in an approximately self-similar fashion. Their model predicts velocity fields similar to those observed in EFRs, such as the rise velocity of arch filaments (~10-15 km s -1 ), downflow velocity (^30-50 km s -1 ) along the filaments (Bruzek 1969; Chou & Zirin 1988) , small rise velocity (<1 km s" 1 ) of photospheric magnetic flux, and strong downdrafts ( 1-2 km s -1 ) observed in the photosphere (e.g., Kawaguchi & Kitai 1976; Shibata 1980; Brants & Steen-267 beck 1985; Topka et al. 1988) . Although these simulation results are encouraging, the initial condition used by Shibata et al. ( 1989a, b) was not fully realistic, since they assumed an isolated horizontal magnetic flux sheet at the bottom of the photosphere, i.e., in a convectively stable layer ; clearly, the flux tube had to traverse the convectively unstable underlying layers as well, and these earlier calculations did not take this into account.
The purpose of this paper is to clarify how magnetic flux rises from the convectively unstable convection zone into the photosphere, chromosphere, and corona, assuming ideal (adiabatic) MHD; for the purposes of this paper, we assume that this magnetic flux is produced at far greater depths, but the details of this flux production process are not relevant to the calculations presented here. Our study begins with an investigation of the linear instability characteristics of a partially magnetized convection zone, where an isolated magnetic flux sheet (with thickness ~ 400 km) is embedded in a convectively unstable gas layer (with thickness ~ 1000-2000 km ) as a very idealized model of the upper layers of the solar convection zone. We focus our attention on the undular mode {k || B, where k and B are the wavenumber and magnetic field vectors, respectively) of the magnetic buoyancy instability (i.e., the Parker instability; Parker 1966 ), coupled to the convective instability in the partially magnetized convection zone. The subsequent nonlinear evolution of the magnetic flux expansion into the upper atmosphere is then studied using a two-dimensional MHD code (Shibata et al. 1989a, b) . The preliminary results of our work have already been reported in Shibata et al. ( 1990b) and in Kaisig et al. ( 1990) . In a companion paper (Nozawa et al. 1991 ) , we study the effects of radiative cooling in the photosphere on this model, and show that the cooling leads to the formation of an intense flux tube via a convective collapse (Parker 1978; Spruit 1979; Schüssler 1990 ).
The paper is organized as follows: In § 2 we present our assumptions, basic equations, and numerical procedures. In § 3 results of the linear stability analysis for a partially magnetized convection zone are discussed; and in § 4 we describe the nonlinear simulation results in detail. We summarize and discuss our results in § 5. 
where U is the internal energy per unit mass, I is the unit tensor, g = (0,0,-g) is the gravitational acceleration, and other symbols have their usual meanings.
Here we use a ratio of specific heats, 7, of 5 / 3, intead of 7 = 1.05 used by Shibata et al. ( 1989a, b) . They used the smaller value, since the magnetic flux embedded in an isothermal plasma is stable for 7 > 1.38. In the convectively unstable plasma of this study, however, the magnetic flux is unstable even when y = 5/3(see §3). This allows us to use the more physically relevant 7 here.
Unperturbed State (Initial Conditions)
The initial model consists of a gas layer in magnetostatic equilibrium. This layer is composed of three regions (see Fig.  \a ): hot and cold convectively stable layers in the upper and middle regions represent a very simplified model of the solar corona and a chromosphere/photosphere, and a convectively unstable layer in the lower region models the convection zone. Temperature is nearly constant in the upper hot layer (corona) and in the middle cold layer (photosphere/chromosphere). We take height z = 0 to be the base height of the photosphere, and the initial distribution of temperature in the photosphere/ chromosphere and the corona to be T(z) = r ph + (T^ -r ph ){tanh [(z -z^/wj + l}/2 ,
2. MODELS AND ASSUMPTIONS
Assumptions and Basic Equations
We consider an isolated magnetic flux sheet embedded in a convectively unstable gas layer in a two-dimensional Cartesian geometry (x, z), where the z-direction is antiparallel to the gravitational acceleration vector. In the forthcoming linear and nonlinear studies, we will assume an adiabatic two-dimensional (d/dy = 0, B y = 0, V y = 0) perturbation to the system. The basic equations are
where and T'ph are the respective temperatures in the corona and in the photosphere/chromosphere, z oer is the height of the base of the corona, and w tr is the temperature scale height in the transition region. We take = 13/7 and = 0.6H in all our calculations, where H is the pressure scale height of the photosphere/chromosphere. We have calculated cases with T ph = 100 and 25 in some typical models, and found that the results in both cases are very similar. We only show the results using 7"cor/ 7" p h = 25 in the following sections. For the initial temperature distribution in the convection zone (z cv < z < 0), we assume where *£9 + V.UK + i ,/-f + £/|-p,.0, (2) is the adiabatic temperature gradient, z cv is the base height of the convection zone, and a is a numerical constant of order unity. When a = -dT dz > 1 (10) the gas layer becomes unstable to the convective instability; this is the well-known Schwarzschild criterion. The units of length, velocity, and time in the simulations are H, C s and H/C s = r, respectively, where C s is the sound speed in the photosphere/chromosphere. Note that the photospheric temperature Tph can be calculated from Ç,, since 7ph~ nC 2 s /(yR g ), where fi and R g are the mean molecular weight and gas constant, respectively, and therefore we need not specify the value of ^ph explicitly. The units for the gas pressure, density, and magnetic field strength are p Q = p 0 C 2 s , p 0 (the initial density at the base of the gas layer, z = z^), and B 0 = (p 0 Cj) 1/2 , respectively. When we compare numerical results with observations, we will use H = 200 km, C s = 10 km s -1 , and T = H/C s = 20 s, which are typical values for the solar chromosphere and photosphere. In this case, B 0 ^ 500 G if we assume p 0 = 2.5 X 10 -7 g cm -3 . (Note, however, that our results are valid for any values of C s , H, p 0 , since our model is nondimensional and scale-free.)
The magnetic field is initially horizontal, B = (B x (z),0,0), and is localized in the convection zone, with
where
and
Here ß* is the ratio of gas pressure to magnetic pressure at the center of the magnetic flux sheet, and z 0 and Zj = z 0 + D are the heights of the lower and upper boundaries of the magnetic flux sheet, where D is the vertical thickness of the magnetic flux sheet. We use Z> = 2H ^ 400 km, and w 0 = Wj = 0.5/f, for all of our calculations. Equations (12a) and (12b) show that ß is nearly constant inside the flux sheet (z 0 < z < zj. The free parameters are /?*, z cv (depth of the convection zone), a (the ratio of temperature gradient to the adiabatic temperature gradient; see eq.
[10]), and z 0 (base height of the flux sheet). We will study cases with z cv = -5H ~ -1000 km or -10H ^ -2000 km and a = 2 or 1.5. Although these values are not realistic for the actual solar convection zone (e.g., Spruit 1974; Spruit, Nordlund, & Title 1990) , they are acceptable for our first attempt to study the fundamental nonlinear interaction between the magnetic field and convection just below the photosphere. When ß* = 4 in the range -4H < z < -277, the initial magnetic flux is B x ^ 3.2B 0 ^ 1600 G at z = -377 ^ -600 km, if p(z = -377) = 4 X 10 5 dyn cm -2 . On the basis of the above initial plasma ß distribution, the initial density and pressure distributions are calculated numerically using the equation of static pressure balance:
The initial temperature (T), density (p), gas pressure (/?), and magnetic field strength (B x ) distributions for our base model (model 2 below; z cv = -577, z 0 = -477, and ß* = 4) are shown in Figure lb. 
Boundary Conditions
We assume symmetric boundaries at x = 0 and x = x max (except in model 6, which uses a periodic boundary condition), a rigid conducting wall boundary at z = z cv , and a free boundary at z = z max . The effect of the free boundary at z = z max is small. Although the rigid boundary condition assumed at z = z cv does not realistically represent the actual convection NOZA WA ET AL.
Vol. 78 270 zone of the Sun, it is the simplest and most reliable condition to implement in the high-energy density region of the convection zone. In general it is not easy to construct accurate and reliable free boundary conditions, especially for MHD problems. The difficulties are particularly acute here, since the density ratio between the convection zone and the corona is ~ 10 -7 , so that small errors generated at the free boundary at z = z cv are enormously amplified by the steep density gradient in the photosphere and chromosphere as they propagate from the convection zone into the corona. On the other hand, errors associated with the free boundary at z = z max are not amplified, and hence the free boundary in the corona is acceptable, especially regarding outflows. Results showing inflow from this boundary must, however, be treated with caution. The effect of the lower rigid boundary at z = z^ on the nonlinear evolution is discussed in § 4.4.5.
LINEAR INSTABILITY CHARACTERISTICS OF THE
PARTIALLY MAGNETIZED CONVECTION ZONE
Linearized Equations and Numerical Method
In order to study the main characteristics of the linear instability of the partially magnetized convection zone described in § 2, we perform a linear stability analysis using a normal-mode method similar to those used by Horiuchi et al. ( 1988) . We first linearize the basic equations ( 1 )- (6) (7)- ( 12) for T = T{z) and ß = ß{z) in deriving equation (14). The boundary conditions are £ = 0 and diq/dz = 0 at z = z cv , and the requirement that £ and 77 should vanish as z -► 00.
Equations ( 14)- ( 18) are solved numerically for prescribed k x and k y using the Runge-Kutta method to find an eigenvalue w and the corresponding eigenfunctions which satisfy the boundary conditions. In this paper, we study only the cases with k y = 0, i.e., the pure undular mode. Figure 2 shows the growth rates iu as a function of horizontal wavenumber k x for six cases, ß* = 1, 4, 10,20, 100, and 00, when z^ = -5H and k y = 0. Figures 2a and 2b correspond to the cases with z 0 = -4H and -2H, respectively. Note that we assumed 7 = 5/3 in these cases. When there is no magnetic field (ß* = 00 ), the growth rate increases monotonically with the wavenumber in all cases. We have found that the growth rate tends to a constant value ^0.39C 5 /if for fc* -> 00. This feature is the same as in the case of nonmagnetic convective instability (e.g., Defouw 1970) . In that case, the local dispersion relation reads
Growth Rates and Eigenfunctions
where k z is the wavenumber in the z-direction. Using equations (8) and (9), equation (19) becomes
which increases monotonically with k x , if k z ^ const. {~2ttI 5H)and T/r ph^c onst. Whenk x H^> 00, = 2,7 = 5/3,and 77 Jph ^ 1.6, the growth rate tends to 039CJH, as in the case shown in Figure 2 . When there is a magnetic field with nonnegligible field strength (ß* < 100), the growth rates for fixed k x decrease with decreasing ß* for short-wavelength (large k x ) modes, whereas those of long-wavelength (small k x ) modes do not decrease (and in some cases actually increase) with decreasing ß*. This is because the short-wavelength modes are partially stabilized by the magnetic tension force, while the long-wavelength modes are destabilized by magnetic buoyancy. This feature is essentially the same as that of the Parker instability in a convectively stable plasma (e.g., Parker 1979; Horiuchi et al. 1988; Shibataetal. 1989a) .
It is interesting to note, however, that the short-wavelength mode is not completely stabilized. This feature is very different from the characteristics of the dispersion relation of the Parker instability in a convectively stable (isothermal) plasma, where there is a critical wavelength below which the gas layer is completely stabilized. This unstable character of our gas layer is a result of the layer being only partially magnetized; i.e., there is a section of the layer which is unmagnetized, but which still possesses a superadiabatic temperature gradient. The convec-No. 1, 1992 live instability occurs in these unmagnetized regions for shortwavelength modes. Consequently there is no maximum growth rate for the convective-Parker instability, although in some cases there is a local maximum in the growth rate curve (Fig. 2) .
In order to see this feature in more detail, we show in Figures 3 and 4 the one-dimensional (z) and two-dimensional (x, z) distributions of eigenfunctions in the z cv = -5//case. Figure 4 also shows the magnetic field lines' response to the eigenmode perturbation. For the short-wavelength mode (k x = 1.0; Figs. 3a, 3b, 4a, and 4b), the shape of the eigenfunction depends strongly on ß* ; the velocity amplitude inside the flux sheet significantly decreases with decreasing ß*. This is a result of stabilization by magnetic tension, which leads to the decrease in growth rate with ß* (Figs. 2a and 2b) . Note, however, that even when ß* < 4 the perturbation is large in the unmagnetized region ( -2H < z < 0 in Figs. 3a and 4a, and -5H < z < -2H in Figs. 3b and 4b) . This is why the growth rate is finite for short-wavelength modes. On the other hand, for the longwavelength mode (^ = 0.314; see Figs. 3c, 3d, 4c, and 4d), the eigenfunctions are not affected much by the magnetic flux sheet. The two-dimensional eigenfunction (Fig. 4d) seems to be almost independent of ß* (especially in the case with z 0 = -2H), which may be the reason why the growth rate is nearly independent of ß* for k x ^ 0.3 (see Fig. 2b ).
It is alsö interesting to note that the growth rate becomes smaller when the initial flux sheet is located nearer to the top of the convection zone (Fig. 2b) than to the bottom (Fig. 2a) for short-wavelength modes. This is because, although the velocity eigenfunction is largest at the top of the convection zone in the cases without magnetic field (see Fig. 3 ), a magnetic flux near the top of the convection zone stabilizes the convective instability there. The result is that the velocities in the lower region dominate in this case. Hence the growth rate of the system is determined by the convective instability in the lower layer, where the local growth rate is smaller than that in the upper layer (see eq. [19] ; co decreases with increasing T).
The local maximum growth rate for ß* = 1 found in Figures  2b-2d is of the order to ^ (0.06-0.13) X- §.
This is comparable in magnitude to that found for the Parker instability of an isolated magnetic flux embedded in an isothermal plasma (Shibata et al. 1989a; Shibata, Tajima, & Matsumoto 1990a ).
In conclusion, we can say that the convective-Parker instability has the characteristics of the Parker instability for longwavelength modes ( X ~ 6H-12H), and has the characteristics of the convective instability for the short-wavelength modes (X < 6H-X2H). The wavelength dividing the two regimes (Parker and convective) is close to the critical wavelength (X c ) for the Parker instability in an isothermal plasma; X c ~ 10//, corresponding to a critical wavenumber k c H ~ 0.6 (see Parker 1979; Horiuchi et al. 1988 ).
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NONLINEAR SIMULATIONS
We shall now study the nonlinear evolution of the convective-Parker instability.
Numerical Procedures
Nondimensional versions of equations (l)-(6) are solved numerically by using a modified Lax-Wendroff scheme (Rubin & Burstein 1967) with artificial viscosity (Richtmyer & Morton 1967) , as in previous studies (e.g., Shibata 1983; Matsumoto et al. 1988; Shibata et al. 1989a Shibata et al. , b, 1990b .
In order to initiate the instability in the convectively unstable layer, small vertical velocity perturbations of the form
are initially imposed on the magnetic flux sheet (z 0 < z < zj within the finite horizontal domain (x max /2 -A/4 < x < x^/ 2 + A/4), where A is the perturbation wavelength, yt = 0.1 or 0.01, and x max (the horizontal size of the computing domain) = 80/7(^16,000 km). Although the distribution of the velocity given by equation ( 22 ) is not exactly equal to an eigenfunction, the growth rate of the perturbation in the linear regime agrees well with that obtained from the exact linear analysis, as will be discussed below (see also Matsumoto et al. 1988; Shibata et al. 1989a ). The mesh sizes are Az = 0.15/7 or 0.07577 for z < z^, and then slowly increase up to Az^ = 0.375/7 or 0.188/7 for z ^ Zcor, and Ax = 0.4, 0.2, or 0.1. The total number of mesh points is (N x X N z = (803 X 403) in models 1 and 2, (403 X 203) in models 3-5, 7-11, and (203 X 203) in model 6. The total area is [x max X (z max -z^)] = (80/7 X 47/7) for models 1-11. We have studied 11 models, whose parameters are summarized in Table 1 . When we assume symmetric boundaries at x = 0 and x max , we calculate only one-half (0 < x < x^/2) of the total space. Figure 5c . Note the similarities to the isoentropy contours in Figure 5Z> . In these figures we show only a portion (25 < x/H < 40, -5 < z/H < 10) of the full simulation box (0 <x/H < 40, -5 < z/ // < 42) in order to highlight the characteristics of the nonlinear evolution of the convective instability. A vortex (bubble) is first created by the convective instability, and then elongates in the horizontal direction. During the earliest stage (//r < 31 ), downflow is confined to a narrow sheet (or tube), while upflow occurs over a broad region. These results are similar to those in other nonlinear simulations of compressible convection (e.g., Hurlburt, Toomre, & Massaguer 1986; Stein & Nordlund 1989; Nordlund & Dravins 1990; Spruit et al. 1990) . During a later stage (t/r > 50), the vortex disintegrates into many vortices (bubbles) as a result of the Kelvin-Helmholtz instability, and horizontal motion dominates vertical motion. The maximum horizontal velocity is comparable to the sound speed. The final state (i/r ^ 70) resembles a turbulent state. The averaged entropy gradient in the convection zone almost disappears in this final stage. Figure 6 shows the time evolution of the upward velocity (V z ) at the middle of the perturbed region (x = x max /2, z = 0). The growth rate of the velocity amplitude in the linear regime in the simulation agrees well with the growth rate (ico ~ QA9CJH) obtained from the exact linear analysis in § 3. The maximum vertical velocity is ~1.0C 5 , although the average velocity in the nonlinear stage (35 < i/r < 70) is 0.2 C S -03C S .
4.3. Case with Strong Magnetic Field: Model 2 Figure 7 shows the results in the case with magnetic field (model 2). The parameters are ß* = 4, ¿z = 2, z cv = -5, z 0 = -4. We will use this model as our base model, and refer back to it when examining results from subsequent models. Figure 8 shows the time evolution of the upward velocity at the midpoint of the perturbed region {x = x max /2, z = 0). The growth agrees well with the linear growth rate ( zco ~ 0AACJ H\ dashed line), and the maximum velocity is F zmax ~ 0.16C S , much smaller than ~ 1.0C S for ß* = 00 (model 1 ). Figure 9 shows the one-dimensional distribution of several physical quantities at the midpoint of the magnetic loop in this model. Magnetic flux is first carried by the convective and magnetic buoyancy forces from the convection zone to the photosphere (Fig. 7 , t = 55.It ~ 19 minutes). Gas slides down the expanding loop, and the evacuated loop rises as a result of enhanced magnetic buoyancy. As it expands into the upper atmosphere, the loop shows approximately self-similar behavior (Fig. 7 , / = 75. lr-88. lr ~ 25-29 minutes). The rise velocity of the loop increases linearly with height,
where ^ (0.05-0.06)C 5 /// ~ /co/2 and /a>(^0.14Cy///) is the linear growth rate of the (Parker) instability (Fig. 2) . The rise velocity at z = 3077 ^ 6000 km is ~ 1.5C 5 ~ 15 km s -1 . We also find that p oc z -4 , B x oc z" 1 .
The maximum speed of the downflow along the loop is ~5C S ~ 50 km s _1 , which exceeds the local sound and AlfVén speeds, so that fast and intermediate MHD shocks (Wu 1987; Shibata et al. 1989b; Steinolfson & Hundhausen 1990 ) are produced just below the downflow. The plasmas in the upper chromosphere of the emerging loops are significantly heated (~3 X 10 4 to 10 5 K) by these MHD shocks (Shibata et al. 1989b (Shibata et al. , 1990c . These results are essentially the same as those found in the nonlinear Parker instability occurring in a convectively stable plasma (Shibata et al. 1989a, b) .
Parameter Dependence

Effect of Initial Perturbation Wavelength ( X ) :
Models 3, 4, and 5
Our linear stability analysis of the convective-Parker instability shows that in some cases there is no local maximum growth rate (see Figs. 2a and 2c ). In these cases it is not obvious X/i = 55.7 75.1 88.1 whether or not a magnetic loop with finite horizontal wavelength will develop as a result of the instability. To investigate these, we study the nonlinear evolution for three cases with different wavelengths (X = 10, 20, and 40), but with all other parameters the same as in model 2. The nonlinear results (twodimensional and one-dimensional distribution of physical quantities during the later stages) are very similar to those found in model 2. Figure 10 shows the time evolution of the upward velocity at (x, z) = (x max /2,0) for these three cases. We see that the growth rates of the velocity amplitudes during the early stages for X = 10 and X = 20 roughly agree with those given by the linear theory, but during the fully nonlinear stage the velocity reaches the same maximum ( ~0.16C 5 ) value at approximately the same time. For X = 40, the growth rate (~0A2C S /H) in the simulation is different from that (~0.07C s /H) given by the linear theory. But again me fully nonlinear behavior, such as the maximum value of the velocity, is similar to that in the X = 10 and X = 20 cases. The discrepancy between the simulation and the theory in the growth rates in the linear regime of X = 40 is due to the excitation of short-wavelength modes by nonlinear mode coupling during the very early stage of evolution (0.0 < t/r < 20). These results suggest that the nonlinear evolution is roughly independent of the initial perturbation wavelength, but is determined from the "most unstable wavelength" inherent in the Parker instability. (By "most unstable wavelength," we mean the wavelength corresponding to the local maximum of the growth rate, or the most unstable wavelength in an isothermal plasma. In the actual system we use, there is no true "most unstable wavelength," as pointed out in § 2. ) In the cases con- sidered above, the perturbation with the "most unstable wavelength" is efficiently created by nonlinear mode coupling. This suggests that similar nonlinear evolution may be obtained even if we assume random noise for the perturbation. Figure  11 shows the results in such a case, where an approximate white-noise perturbation is initially imposed. Magnetic loops similar to those found in model 2 are indeed created in the fully nonlinear stage.
Effect of Initial Magnetic Field Strength (/?*):
Models 7 and 8 Figure 12 shows the result of model 7, where the only change from model 2 is in the value of ß*, from 4 to 10. The general characteristics of the evolution, sucn as the self-similarity, are similar to those of model 2. There are, however, some small differences due to the weaker field strength. The rise velocity of emerging loops is slightly smaller than that in model 2, while the convection velocity is larger, and hence the convection zone flux sheet is more stretched and compressed than in model 2. These differences are more clearly seen in one-dimensional plots (z-distribution of some physical quantities at x = x max /2), such as those in Figure 13 . Compare Figure 13è with Figure 9b (model 2) . The evolution of the rise velocity of the loop is now described by the power-law evolution law, V z oc z/1 \ Shibata et al. 1989a Shibata et al. , b, 1990a , and the maximum velocity is only 1.3Q.
The (24) in the lower region, z < 25//, because of the weaker field strength. Figure 14 shows the results for a much weaker field (model 8;ß* = 100). In this case, the magnetic flux cannot rise into the corona, but rather stays in the middle chromosphere. Interestingly, this weak magnetic loop structure in the middle chromosphere (5 < z/H < 10) has a plasma ß comparable to unity, and thus affects the atmospheric density structure. Thus a weak magnetic flux (ß ^ 100 just below the photosphere) can create a magnetic structure with ß ~ 1 in the middle chromosphere, although it cannot create a coronal magnetic structure. Consequently we conclude that magnetic flux below the photosphere which develops into an EFR and rises into the corona must have plasma ß smaller than 10-100.
Effect of Initial Temperature Gradient (a): Model 9
When the ratio of temperature gradient (eq. [10]) is reduced from 2 in model 2 to 1.5 (model 9), a magnetic loop still develops and expands self-similarly into the upper layers. The only difference from model 2 is that the rate of loop evolution is somewhat slower in this case because the linear growth rate of the convective-Parker instability is smaller than in model 2. That is, the gradient of the z-distribution of the rise velocity of the magnetic loop is u n = F z /z ~ (0.04-0.05 )(///, which is again approximately half the linear growth rate ( /co 0.09Q/ Fig. 2 ).
Effect of Horizontal Flux Sheet Initial Height (z 0 ): Model 10
The results from model 10, where the position of the initial horizontal flux sheet is higher (z 0 = -2H) than in model 2 (z 0 = -AH), are shown in Figure 15 . Although the overall evolution is similar to that found in model 2, the convective motions occurring below the flux tube aflect the evolution of the convective-Parker instability in this case; the field fines in the convection zone are stretched, bent, and contorted by the convective vortex motions. For this reason the duration of the self-similar type expansion of the magnetic loop is short (i/r < 60), and the maximum rise velocity of the loop is ^0.8C S ~ 8 km s -1 , which is smaller than in model 2. In the later stages magnetic reconnection may occur between neighboring opposite-polarity flux tubes driven together by convective motion.
Effect of Convection Zone Depth (z cv ): Model 11
Finally, Figure 16 shows the results from model 11, where the depth (z cv = -10//) of the convection zone is larger than that (z cv = -5H) in model 2. The results in this case are similar to those found in model 10 (Fig. 15) . The convective motion pulls and stretches field fines significantly. A neutral sheet develops between neighboring flux sheets with opposite directions, resulting in density enhancements due to the JXBforce in the neutral sheet ( Fig. 16a) . During the later stages of evolution magnetic reconnection is expected to occur in the neutral sheet.
This case provides insight into the effect of the rigid boundary condition at z = z cv = -5H adopted in other models. In fact, we can regard this case as a free-flow boundary (at z = -5H) version of model 2. (This is actually strictly true only during the period t/r < 10, after which time the effects of the new boundary reach the z > -5H region. We only use this exercise to gauge the effects of the lower boundary location.) From this viewpoint, the results in the "free boundary" case are different from those in the rigid boundary case. For example, a large convective vortex develops just below the flux sheet in the "free boundary" case, which moves the footpoint of the loop horizontally, affecting the expansion of the magnetic flux into the upper atmosphere. However, we can also say that the principal physical points of the nonlinear evolution of the magnetic flux expansion into the coronal level, such as the approximate self-similar expansion of the loop, the presence of downflow along the rising loop, etc., are similar to those in the standard model, although the duration of the self-similar evolution is shorter because of the rapid transport of the magnetic flux through the convection zone.
Setting £ = 0 or a = 0 in the -5H > z > -10//region leads to general conclusions similar to those above (where 0, a = 2 ). In these cases, however, the convective vortices are smaller than in Figure 16 , and hence the results regarding loop evolutions are closer to those of model 2 than are the Figure 16 results.
SUMMARY AND DISCUSSION
Summary
In this paper we have studied linear and nonlinear aspects of the convective-Parker instability. Linearly, we have found that the growth rate of the convective-Parker instability monotonically increases with horizontal wavenumber. Thus there is no maximum growth rate, as occurs in the Parker instability in the absence of convection. A local maximum in the growth rate, however, can occur in some cases when the flux is initially located near the surface of the convection zone. This local maximum is comparable to the maximum growth rate of the Parker instability in an isothermal plasma.
When the initial flux is far below the surface of the convection zone, the growth rate decreases with decreasing ß for short-wavelength modes ( k x H >0.5), while it may or may not decrease with ß for long-wavelength modes {k x H <0.5). This behavior is a result of the stabilizing effect of the magnetic tension. When the flux is located near the convection zone surface, the growth rate increases with decreasing ß for longwavelength modes (k x H < 0.5) if ß < 10; this is similar to the Parker instability in a convectively stable plasma. In general, we have found from the Unear analysis that when ß < 10, long-wavelength modes (k x H < 0.5 ) have the properties of the Parker instabihty, whereas short-wavelength modes (k x H > 0.5) have the properties of the convective instabihty.
Our nonhnear two-dimensional adiabatic studies indicate that when ß < 10, a long-wavelength mode with k x H <0.5 (i.e., Parker mode) determines the evolution of the convective-Parker instabihty, irrespective of the initial perturbation wavelength, because any perturbation excites the "most unstable wavelength" via nonhnear mode couphng. This "most unstable wavelength" corresponds to that for the local maximum growth rate, which is near the actual most unstable wavelength in an isothermal plasma. The interesting point is that this kind of nonhnear evolution occurs even when there is no local maximum growth rate in the linear dispersion relation.
The ity is very similar to the evolution of the Parker instability studied by Shibata et al. (1989a, b) . A loop develops and expands into the upper atmosphere. The evolution is approximately self-similar with V z ^ co n z, p oc z This results in a rise velocity of the magnetic flux of less than V z < 1 km s" 1 in the photosphere (z < 2.577 ~ 500 km) and F z ^ 15 km s" 1 in the upper chromosphere (z ^ 3077 ^ 6000 km). Strong downflows with maximum velocity ~ 5Q ~ 50 km s -1 occur along the loop, generating fast and intermediate MHD shocks just below the downflow.
When ß ~ 10, the evolution is still self-similar, but the velocity evolution changes to a power law, V z oc z/t. If ß ~ 100 (B < 150 G in the photosphere ), the magnetic flux is too weak to reach the corona. (Such weak magnetic flux may correspond to the intranetwork field. See the review by Zwaan 1987.) Thus the magnetic flux just below the photosphere must have plasma ß less than 10-100 if it is to rise into the corona and produce EFRs.
When the initial magnetic flux sheet is localized in the middle of a deep convection zone, large vortex cells develop below the sheet which vigorously stretch, bend, and compress the sheet. These vortex motions may even drive reconnection at times in regions of the distorted sheet in and below the photosphere. The flux expanding into the upper atmosphere again does so self-similarly at early times, but the detailed evolution, especially at later times, is different from that in model 2, where the initial flux sheet is located near the bottom of the convection zone.
Discussion
We have found that the essential points of the nonlinear dynamics of magnetic flux emergence from a convectively unstable region are similar to those found in previous studies of the Parker instability in a convectively stable layer (Shibata et al. 1989a, b) . Thus we conclude that the nonlinear motion associated with the rise of magnetic flux after emerging into the photosphere is roughly independent of the detailed history of how the flux rises through the convection zone. Hence the previous results (such as the self-similar expansion laws, and the velocities associated with the rise of the loop and with the downflow along the chromospheric magnetic loop) based on the Parker ( 1966) instability in a convectively stable layer can be regarded as a rehable model for the EFR chromosphere and corona, even though those studies did not model the convectively unstable layer (e.g., the convection zone).
There are, however, several points regarding the observational consequence of the differences between our present results and those given in previous papers which need to be discussed. One of these is the separation velocity and distance between footpoints of the magnetic loop. In previous studies (Shibata et al. 1989a, b) , the footpoint separation just after the flux emerges into the photosphere was ~20H ~ 4000 km, and increased with time to ~36H ^ 7200 km over a period of ^600 s. This gives an average separation velocity of 0.53C 5 ^ 5.3 km s -1 . In many cases studied in this paper, however, the separation velocity of the footpoints is much slower (~~0.2C 5 ^ 2 km s -1 , if C s ^ 10 km s -1 ); in one case (model 10; see Fig. 15 ) the distance actually decreases with time during the later stages. Furthermore, since the initial footpoint separation (^14// -2800 km) is slightly smaller than that in the previous studies, the separation during the later stages (~20// -4000 km) is much smaller than in previous papers.
Solar observers have found that the distance between the two polarities in the initial phase of EFRs can be of the order of 5000-10,000 km (e.g., Harvey & Martin 1973) . This is consistent with the results of our previous papers, but is inconsistent with those of this paper. Recently, however, Topka et al. (1988) found the distance between two polarities in the very early phase of an EFR to be ^3000 km, so that the earlier results may have been more indicative of a later stage of evolution; the results of Topka and collaborators are consistent with the calculations in this paper.
According to observations by Harvey & Martin (1973) , the separation velocity of the two polarities exceeds 2 km s -1 during the first half-hour, then drops to values between 1.3 and 0.7 km s -1 during the next 6 hours (see also Zwaan 1978 Zwaan , 1985 ). The present model predicts ^2 km s -1 separation velocities. This result is in agreement with the observations, since all of the calculations presented here correspond to the stage less than 30 minutes after the initial emergence into the photosphere. This agreement between observations and simulations suggests that the actual force moving the two footpoints of the emerging loops during the first half-hour is the magnetic buoyancy force, partly coupled to the convective forces in the upper layers of the convectively unstable layers. (Note that the convective cell appearing in our very idealized model convection zone has a size [ ~ 1077-207/ ^ 2000-4000 km] slightly larger than a granule.)
The sensitivity of the results to the phase of the flux emergence process suggests that one must be very careful when comparing our simulation results with observations. For example, Chou & Wang (1987) reported smaller separation velocities, 0.2-1.0 km s -1 . This is in fact not inconsistent with our numerical results, because the initial separations of poles in their observations are mostly larger than 4000 km and hence the stage observed by them most likely does not correspond to within 30 minutes after emergence. Chou & Wang ( 1987) also found that both separation and rise velocities predicted by a simple theory of magnetic buoyancy for rising flux tubes are too large to explain observations. Our numerical results resolve this problem by fully taking account of the nonlinear MHD processes of the interaction between emerging flux and convection.
It is not clear whether or not our model can successfully explain the later stages of evolution of emerging flux, or resolve whether or not the supergranulation plays a fundamental role in the evolution of emerging loops, as discussed by Frazier ( 1972) . It is necessary to develop a more reahstic convection model, including nonadiabatic effects such as radiative transfer, and turbulent viscosity, to resolve these problems. For example, in the actual convection zone the short-wavelength mode is stabilized by viscosity, so that there exists the most unstable wavelength, although it is smaller than our "most unstable wavelength" associated with the Parker instability. We discuss the effects of radiative cooling in the photosphere in a companion paper (Nozawa et al. 1991 ) . It is also instructive to examine the effects of the large-scale convectively unstable layer (Hanami & Tajima 1991 ) .
Finally, we add the following comments on likely three-dimensional effects. In actual three-dimensional configurations, the interchange mode (k \ e.g., Cattaneo & Hughes 1988 ) will couple to the undular (Parker) mode {k || B), or a mixed mode will develop (e.g., Shibata et al. 1991; Cattaneo, Chiueh, & Hughes 1990) if the magnetic sheet is sheared. In that case (/c y 7^ 0), the growth rate does not vanish even when k x = 0 (e.g., see Spruit & van Ballegooijen 1982 for the stability characteristics of a horizontal isolated tube). Although the interchange mode has a growth rate similar to or larger than that of the convective instability (see Fig. 2 ), we expect that the fully nonlinear stage is dominated by the undular mode, because the pure interchange mode cannot create large-scale structures, such as emerging loops, in the fully nonlinear stage (e.g., Cattaneo & Hughes 1988; Shibata et al. 1991 ) . In this sense, we suspect that the essential results in this paper will not change even in three dimensions, as long as the horizontal size of the flux sheet in the 3;-direction (IB) is large enough. Other three-dimensional effects, such as the emergence of twisted loops, may be important in understanding some flares (e.g., Tanaka 1987 , Kurokawa 1988b ) through the occurrence of magnetic reconnection (Tajima et al. 1987) or the dynamical relaxation of magnetic twist (Uchida & Shibata 1988) .
